We report the detections of substellar companions orbiting around seven evolved intermediate-mass stars from precise Doppler measurements at Okayama Astrophysical Observatory. o UMa (G4 II-III) is a giant with a mass of 3.1 M ⊙ and hosts a planet with minimum mass of m 2 sin i = 4.1 M J in an orbit with a period P = 1630 d and an eccentricity e = 0.13. This is the first planet candidate (< 13 M J ) ever discovered around stars more massive than 3 M ⊙ . o CrB (K0 III) is a 2.1 M ⊙ giant and has a planet of m 2 sin i = 1.5 M J in a 187. et al. (2011). The ratio of the periods is close to 1:6, suggesting that the companions are in mean motion resonance. We also independently confirmed planets around κ CrB (K0 III-IV) and HD 210702 (K1 IV), which had been announced by Johnson et al. (2008) and Johnson et al. (2007a) , respectively. All of the orbital parameters we obtained are consistent with the previous results.
Introduction
Intermediate-mass (1.5-5 M ⊙ ) stars have been gathering more attention of researchers as promising sites of planet formation. It is not only because some planetary systems were found around A-type dwarfs by direct imaging (e.g. Marois et al. 2008 ) but also intensive Doppler surveys of intermediate-mass giants and subgiants, which are "evolved counterparts of A-type dwarfs", have unveiled remarkable properties of planets around them (e.g. Frink et al. 2002; Setiawan et al. 2005; Sato et al. 2008b; Sato et al. 2010; Hatzes et al. 2005; Hatzes et al. 2006; Johnson et al. 2011a; Lovis & Mayor 2007; Niedzielski et al. 2009b; Döllinger et al. 2009; de Medeiros et al. 2009; Wang et al. 2011; Omiya et al. 2011; Wittenmyer et al. 2011) . About 50 substellar companions have been found around such evolved intermediate-mass stars, whose masses, semimajor axes, and eccentricities are ranging from 0.6 to 40 M J , from 0.08 to 6 AU, and from 0 to 0.5, respectively
1 . The occurrence rate of giant planets increases as stellar mass at least up to ∼1.9M ⊙ (∼10-20%; e.g. Johnson et al. 2007b; Bowler et al. 2010) , and super-massive ( > ∼ 5M J ) planets are more abundant around more massive ( > ∼ 2M ⊙ ) giants (e.g. Lovis & Mayor 2007) . Positive correlation between frequency of giant planets and stellar metallicity may exist in subgiants like in solartype stars (Johnson et al. 2010) but not be seen in giants (e.g. Pasquini et al. 2007; Takeda et al. 2008) . Semimajoraxis distribution of the planets is one of the most interesting features; almost all the planets found around intermediate-mass evolved stars reside in orbits with semimajor axis larger than 0.6 AU (e.g. Johnson et al. 2007a; Sato et al. 2008a) , while many short-period planets exist around low-mass FGK dwarfs. Multi-planet systems have also been found around evolved intermediate-mass stars including candidates in mean motion resonance (MMR; 1 see e.g. http://exoplanet.eu [Vol. , Niedzielski et al. 2009a; Johnson et al. 2011b; Quirrenbach et al. 2011) . All the properties give us deep insight into formation and evolution of substellar companions around intermediate-mass stars.
We here report the detections of new substellar companions around evolved intermediate-mass stars emerged from the Okayama Planet Search Program (Sato et al. 2005) . The program has been regularly monitoring radial velocities (RVs) of about 300 intermediate-mass GK giants since 2001 at Okayama Astrophysical Observatory (OAO) and announced 9 planets and 1 brown dwarf so far (Sato et al. 2003; Sato et al. 2007; Sato et al. 2008a; Sato et al. 2008b; Liu et al. 2008) . We also discovered 3 planets and 3 brown-dwarf candidates around GK giants using 2.16m telescope at Xinglong observatory in China, 1.8m telescope at Bohyunsan Optical Astronomy Observatory in Korea, and Subaru 8.2m telescope in Hawaii as well as OAO 1.88m telescope under the framework of East-Asian Planet Search Network (Liu et al. 2009; Omiya et al. 2009; Omiya et al. 2011; Sato et al. 2010; Wang et al. 2011) .
Rest of the paper is organized as follows. We describe the observations in section 2 and the stellar properties are presented in section 3. Analyses of RV, linear trend, period search, orbital solution, and line shape variation are described in section 4 and the results are presented in section 5. Section 6 is devoted to summary and discussion.
Observation
All of the observations were made with the 1.88 m telescope and the HIgh Dispersion Echelle Spectrograph (HIDES; Izumiura 1999) at OAO. In 2007 December, HIDES was upgraded from single CCD (2K×4K) to a mosaic of three CCDs. The upgrade enabled us to obtain spectra covering a wavelength range of 3750-7500Å using a red cross-disperser, which is about three times wider than before the upgrade.
For precise RV measurements, we used an iodine absorption cell (I 2 cell; Kambe et al. 2002) , which provides a fiducial wavelength reference in a wavelength range of 5000-5800Å (covered by the middle CCD after the upgrade in 2007 December). A slit width is set to 200 µm (0.76 ′′ ) giving a spectral resolution (R = λ/∆λ) of 67000 by about 3.3 pixels sampling. We can typically obtain a signal-to-noise ratio S/N>200 pix −1 for a V < 6.5 star with an exposure time shorter than 30 min. The reduction of echelle data (i.e. bias subtraction, flat-fielding, scatteredlight subtraction, and spectrum extraction) is performed using the IRAF 2 software package in the standard way. the targets for Okayama Planet Search Program based on the spectroscopic approach using the equivalent widths of well-behaved Fe I and Fe II lines of iodine-free stellar spectra. Details of the procedure and resultant parameters are presented in Takeda et al. (2002) and Takeda et al. (2008) .
Stellar Properties
They also determined the absolute magnitude M V of each star from the apparent V -band magnitude and Hipparcos parallax π (ESA 1997) taking account of correction of interstellar extinction A V based on Arenou et al. (1992) 's table. The bolometric correction B.C. was estimated based on the Kurucz (1993)'s theoretical calculation. With use of these parameters and theoretical evolutionary tracks of Lejeune & Schaerer (2001) , the luminosity L and mass M of each star were obtained. The stellar radius R was estimated using the Stefan-Boltzmann relationship and the measured L and T eff . The stars presented herein are plotted on the HR diagram in Figure 1 and their properties are summarized in Table 1 .
The uncertainties for atmospheric and physical parameters of the stars were also derived by Takeda et al. (2008) and we quoted the values in Table 1 . Since details of the procedure are described in Takeda et al. (2008) , we here briefly summarize it. The uncertainties of [Fe/H], T eff , log g, and v t presented in the table are internal statistical errors for a given data set of Fe i and Fe ii line equivalent widths (see subsection 5.2 of Takeda et al. 2002) . Since these parameter values are sensitive to slight changes in the equivalent widths as well as to the adopted set of lines (Takeda et al. 2008) , realistic uncertainties may be by a factor of ∼ 2-3 larger than these estimates from a conservative point of view (e.g., 50-100 K in T eff , 0.1-0.2 dex in log g). Therefore the ranges of stellar mass were obtained by perturbing the values of log L, log T eff , and [Fe/H] interchangeably by typical amounts of uncertainties; ∆logL corresponding to parallax errors given in the Hipparcos catalog, ∆ log T eff of ±0.01 dex almost corresponding to ∼ ±100 K, and ∆[Fe/H] of ±0.1 dex. Similarly, the error in R was evaluated from ∆ log L and ∆ log T eff (see the section 3.2 and footnote 8 of Takeda et al. 2008 for the details of the procedure). The resulting mass value may also appreciably depend on the chosen set of theoretical evolutionary tracks (e.g., the systematic difference as large as ∼ 0.5M ⊙ for the case of metal-poor tracks between Lejeune & Schaerer 2001 and Girardi et al. 2000 .; see also footnote 3 in Sato et al. 2008a ).
Hipparcos observations revealed photometric stability for the stars down to σ HIP = 0.004 − 0.008 mag. Furthermore, all the stars show no significant emission in the core of Ca II HK lines as shown in Figure 2 , suggesting that the stars are chromospherically inactive.
Analysis

Radial Velocity Analysis
For RV analysis, we basically adopted the modeling technique of an I 2 -superposed stellar spectrum (star+I 2 ) detailed in Sato et al. (2002) , which is based on the method by Butler et al. (1996) . In the technique, a star+I 2 spectrum is modeled as a product of a high resolution I 2 and a stellar template spectrum convolved with a modeled instrumental profile (IP) of the spectrograph. To obtain the stellar template, Sato et al. (2002) extracted a high resolution stellar spectrum from several star+I 2 spectra. However, we here used a stellar template that was obtained by deconvolving a pure stellar spectrum with the spectrograph IP estimated from an I 2 -superposed B-star or Flat spectrum because we finally found that the overall precision in RV using the template thus obtained was slightly better than that based on the technique in Sato et al. (2002) . We have now achieved a long-term Doppler precision of about 4-5 m s −1 over a time span of 9 years. Measurement error was estimated from an ensemble of velocities from each of ∼300 spectral regions (each ∼3Å long) in every exposure.
Linear Trend
We examined whether there is evidence of a linear trend in RVs with timescale much larger than the duration of observations. To address the significance of the velocity trend, we used the F -test in a similar way to that described by Cumming et al. (1999) . The weighted sum of squares of residuals to the best-fit linear slope χ 2 N −2 is compared with the weighted sum of squares about the mean χ 2 N −1 . If there is no long-term trend in observed velocities and the residual follow Gaussian distribution, the statistic
follows Fisher's F distribution with 1 and N − 2 degrees of freedom which measures how much the fit is improved by introducing the linear trend. Using this probability distribution, we can estimate the False Alarm Probability (F AP ) that pure noise fluctuations would produce a linear velocity trend by chance. This method, however, assumes that the errors follow Gaussian distribution, which is not necessarily the case for the actual observations. In stead we here adopt so called a bootstrap randomization method to estimate F AP . In this approach, the observed RVs are randomly redistributed, keeping fixed the observation time. The major advantage of this method is that one can derive F AP without assuming any particular distribution of noise. For each star, we generated 10 5 fake datasets in this way, applied the same analysis to them, and obtained F -value by the equation (1). The frequency of fake datasets whose F exceeded the observed one was adopted as a F AP for the trend.
Period Search
To search for periodicity in RV data we performed a Lomb-Scargle periodogram analysis (Scargle 1982) . To assess the significance of this periodicity, we estimate False Alarm Probability (F AP ), using a bootstrap randomization method in which the observed RVs were randomly redistributed, keeping fixed the observation time. We generated 10 5 fake datasets in this way, and applied the same periodogram analysis to them. The frequency of [Vol. , fake datasets which exhibit a periodogram power higher than the observed dataset is adopted as a F AP for the signal.
Orbital Solution
The best-fit Keplerian orbit for the data was derived using a Levenberg-Marquardt fitting algorithm (Press et al. 1989 ) to obtain a minimum chi-squared solution by varying the free parameters (orbital period P , time of periastron passage T p , eccentricity e, velocity amplitude K 1 and argument of periastron ω for each companion). When we found a significant linear trend in observed RVs by the analysis described in section 4.2, we included the slope as a free parameter and simultaneously derived the best-fit trend and Keplerian orbit for the data.
Each star has stellar "jitter", which is intrinsic variability in RV as a source of astrophysical noise such as stellar oscillation and chromospheric activity, and also unknown systematic measurement error. To account for the variability, we have quadratically added a jitter σ jitter to the RV measurement uncertainties before performing the final least-squared fitting of the orbit so that the resultant reduced χ 2 would become unity. The uncertainty for each orbital parameter was estimated using a bootstrap Monte Carlo approach, subtracting the theoretical fit, scrambling the residuals, adding the theoretical fit back to the residuals and then refitting.
Line Shape Analysis
We performed spectral line shape analysis based on high resolution stellar templates to investigate other possible causes of apparent RV variations such as pulsation and rotational modulation rather than orbital motion. Details of the analysis are described in Sato et al. (2007) and Sato et al. (2002) , and here we briefly summarize the procedure.
At first, we extracted two stellar templates from five star+I 2 spectra at nearly the peak and valley phases of observed RVs for each star. Cross correlation profiles of the two templates were then calculated for about 40-100 spectral segments (4-5Å width each) in which severely blended lines or broad lines were not included. We calculated three bisector quantities for the derived cross correlation profile for each segment: the velocity span (BVS), which is the velocity difference between two flux levels of the bisector; the velocity curvature (BVC), which is the difference of the velocity span of the upper half and lower half of the bisector; and the velocity displacement (BVD), which is the average of the bisector at three different flux levels. Flux levels of 25%, 50%, and 75% of the cross correlation profile were used to calculate the above three bisector quantities. If both of the BVS and the BVC for stars are identical to zero and the average BVD agrees with the velocity difference between the two templates at the peak and valley phases of observed RVs (≃ 2K 1 ), the cross correlation profiles can be considered to be symmetric and thus the observed RV variations are considered to be due to parallel shifts of the spectral lines, which is consistent with the planetary hypothesis.
Results
HD 5608 (HIP 4552)
We collected a total of 43 RV data of HD 5608 between 2003 February and 2011 November. The observed RVs are shown in Figure 3 and are listed in Table 2 together with their estimated uncertainties.
Based on the linear-trend test described in section 4.2, the star showed a significant linear trend of −4.9 m s −1 yr −1 with F AP = 5 × 10 −5 , suggesting the existence of an distant companion. After removing the trend from the observed RVs, Lomb-Scargle periodogram showed a significant peak around 766 day with a F AP < 10 −5 . Simultaneous fitting of a single Keplerian model and a linear trend to the data yielded an orbital period of P = 792.6 ± 7.7 days, a velocity semiamplitude K 1 = 23.5 ± 1.6 m s −1 , and an eccentricity e = 0.190 ± 0.061 for the inner companion, and the acceleration ofγ = −5.5 m s
for the linear trend. When we adopt the stellar mass of 1.55 M ⊙ for the star, we obtained a minimum mass of the inner companion m 2 sin i = 1.4 M J and a semimajor axis a = 1.9 AU. For the outer companion, we may give an order-of-magnitude relation betweenγ and the properties of the companion (e.g. Winn et al. 2009 )
where m c is the companion mass, i c is the orbital inclination, and a c is the orbital radius. The rms scatter of the residuals to the Keplerian fit was 6.3 m s −1 . The adopted stellar jitter for the star (see section 4.4) is σ jitter = 5.0 m s −1 , which is consistent with typical one for subgiants (Johnson et al. 2008 ), and we found no significant periodicity in the residuals. The resulting model is shown in Figure 3 overplotted on the velocities, whose error bars include the stellar jitter, and its parameters are listed in Table 9 .
For line shape analysis, we extracted templates with velocity of ∼10 m s −1 and ∼−20-−30 m s −1 , and calculated cross correlation profile between them. As seen in Table  10 , resultant BVS and BVC values of the cross correlation profiles did not show any significant variability, and BVD value agreed with the velocity difference between the two templates, which are consistent with the planetary hypothesis as the cause of the observed RV variations.
75 Cet (HD 15779, HIP 11791)
We collected a total of 74 RV data of 75 Cet between 2002 February and 2011 December. The observed RVs are shown in Figure 4 and are listed in Table 3 together with their estimated uncertainties. Lomb-Scargle periodogram of the data exhibits a dominant peak at a period of 698 days with a F AP < 1 × 10 −5 . Single Keplerian model for the star yielded orbital parameters for the companion of P = 691.9 ± 3.6 days, K 1 = 38.3 ± 2.0 m s −1 , and e = 0.117 ± 0.048. Adopting a stellar mass of 2.49 M ⊙ , we obtain m 2 sin i = 3.0 M J and a = 2.1 AU for the companion. The rms scatter of the residuals to the Keplerian fit is 10.8 m s −1 and the reduced χ 2 was 2.7 when we adopted the measurement errors as weight of the least-squared fitting.
We performed periodogram analysis to the residuals and found possible peaks around 200 d and 1880 d ( Figure  5 ). Although these periodicity is not significant at this stage (F AP ∼ 3 × 10 −3 ), Keplerian fitting yielded velocity semiamplitudes of ∼ 7 m s −1 and ∼ 10 m s −1 for the periodicity, respectively, which corresponds to m 2 sin i ∼ 0.4 M J and 1 M J , and a ∼ 0.9 AU and ∼4 AU, respectively. Continuous monitoring of the star will enable us to validate the periodicity. We here have quadratically added a jitter of 10 m s −1 to the RV uncertainties to account for the RMS scatter to the single Keplerian model. The resulting model is shown in Figure 4 overplotted on the velocities, and its parameters are listed in Table 9 .
We did not find any significant line-shape variability corresponding to the primary period of 692 d (Table 10) , while those corresponding to the other possible periods were below the detection limit of the line shape analysis because of their low velocity amplitudes.
o UMa (HD 71369, HIP 41704)
We collected a total of 26 RV data of o UMa between 2003 December and 2011 March. The observed RVs are shown in Figure 6 and are listed in Table 4 together with their estimated uncertainties. Lomb-Scargle periodogram of the data exhibits a dominant peak at a period of 1575 days with a F AP < 1 × 10 −5 . Single Keplerian model for the star yielded orbital parameters for the companion of P = 1630 ± 35 days, K 1 = 33.6 ± 2.1 m s −1 , and e = 0.130 ± 0.065. Adopting a stellar mass of 3.09 M ⊙ , we obtain m 2 sini = 4.1 M J and a = 3.9 AU for the companion. The rms scatter of the residuals to the Keplerian fit was 7.6 m s −1 . We found no significant periodicity in the residuals and then we adopted a stellar jitter σ jitter = 6.5 m s −1 for the star. The resulting model is shown in Figure 6 overplotted on the velocities, and its parameters are listed in Table 9 . We did not find any significant line shape variability for the star corresponding to the observed RV variations (Table 10) .
o CrB (HD 136512, HIP 75049)
We collected a total of 85 RV data of o CrB between 2002 March and 2011 October. The observed radial velocities are shown in Figure 7 and are listed in Table 5 together with their estimated uncertainties. Lomb-Scargle periodogram of the data exhibits a dominant peak at a period of 187.7 days with a F AP < 1 × 10 −5 . Single Keplerian model for the star yielded orbital parameters for the companion of P = 187.83 ± 0.54 days, K 1 = 32.25 ± 2.8 m s −1 , and e = 0.191 ± 0.085. Adopting a stellar mass of 2.13 M ⊙ , we obtain m 2 sin i = 1.5 M J and a = 0.83 AU for the companion. The rms scatter of the residuals to the Keplerian fit is 16.4 m s −1 and the reduced χ 2 was 3.9 when we adopted the measurement errors as weight of the least-squared fitting, which may suggest existence of additional variability. However, we found no significant periodicity in the residuals at this stage and then we have quadratically added a jitter of 16.0 m s −1 to the RV uncertainties to account for the variations. The resulting Keplerian model is shown in Figure 7 and 8 overplotted on the velocities, and its parameters are listed in Table 9 . We did not find any significant line shape variability for the star corresponding to the observed RV variations (Table 10) . though details of the orbital parameters were not presetend. We collected a total of 44 RV data of ν Oph between 2002 February and 2011 July. The observed RVs are shown in Figure 9 and are listed in Table 6 together with their estimated uncertainties.
Lomb-Scargle periodogram of the data exhibits a significant peak at a period of 526 days with a F AP < 1 × 10 −5 , and single Keplerian model for the star yielded orbital parameters for the companion of P = 532 days, K 1 = 331 m s −1 , and e = 0.15. However, the rms scatter of the residuals to the fit was 99.4 m s −1 and the reduced χ 2 was 16.1, which suggested the existence of additional variability. Actually Lomb-Scagle periodogram of the residuals clearly showed a peak with a period of ∼ 3000 d with a F AP < 1 × 10 −5 . We performed a double Keplerian fitting to the data and obtained orbital parameters P = 530.32 ± 0.35 days, K 1 = 286.5 ± 1.8 m s −1 , and e = 0.1256 ± 0.0065 for the inner companion (ν Oph b), and P = 3186 ± 14 days, K 1 = 180.5 ± 3.1 m s −1 , and e = 0.165 ± 0.013 for the outer companion (ν Oph c). The rms scatter of the residuals to the double Keplerian fit is 7.8 m s −1 , and LombScargle periodogram of the residuals did not show any significant peaks. Then to account for the variations, we have quadratically added a jitter of 7.5 m s −1 to the RV uncertainties. All of the parameters are in agreement with those presented by Quirrenbach et al. (2011) . Adopting a stellar mass of 3.04 M ⊙ , we obtain m sin i = 24 M J and a = 1.9 AU for ν Oph b, and msini = 27.0 M J and a = 6.1 AU for ν Oph c. The resulting Keplerian model is shown in Figure 9 and that for each companion is shown in Figure  10 overplotted on the velocities. The orbital parameters are listed in Table 9 .
For line shape analysis, we extracted templates with velocity of ∼ 300 m s −1 and ∼ −250 m s −1 , and calculated cross correlation profile between them. As seen in Table 10 , non-detection of any significant variations in BVS and BVC values, and the BVD value agreeing with the difference of the velocities between the two templates are consistent with the orbital-motion hypothesis as the cause of the observed RV variations.
κ CrB (HD 142091, HIP 77655) and HD 210702 (HIP 109577)
Planetary companions to κ CrB and HD 210702 were reported by Johnson et al. (2008) and Johnson et al. (2007a) , respectively. We collected a total of 41 and 36 Figure  11 and 12 and are listed in Table 7 and 8, respectively, together with their estimated uncertainties. Our observed RVs for κ CrB can be well fitted by a single Keplerian orbit with P = 1251 ± 15 days, K 1 = 23.6 ± 1.1 m s −1 , and e = 0.073 ± 0.049. The RVs for HD 210702 can also be well fitted by a single Keplerian orbit with P = 354.8 ± 1.1 days, K 1 = 39.3 ± 2.5 m s −1 , and e = 0.094 ± 0.052. We here adopted a stellar jitter of 4.0 m s −1 and 4.5 m s −1 for κ CrB and HD 210702, respectively. These parameters are in good agreement with those obtained by Bowler et al. (2010) . The resulting models are shown in Figure 11 and 12, and the parameters are listed in Table 9 . Adopting stellar masses of 1.51 M ⊙ and 1.68 M ⊙ for κ CrB and HD 210702, respectively, we obtain m 2 sin i = 1.6 M J and a = 2.6 AU for κ CrB b, and m 2 sini = 1.9 M J and a = 1.2 AU for HD 210702 b. We did not find any significant line shape variability for the stars corresponding to the observed RV variations (Table 10 ).
Summary and Discussion
We here reported the discoveries of planetary and brown-dwarf-mass companions to seven intermediate- exhibits a linear trend in RV, suggesting the existence of an outer, more massive companion. The estimated mass of the outer companion based on equation (2) o UMa b (m 2 sin i = 4.1 M J , a = 3.9 AU) is the first planet candidate (< 13 M J ) ever discovered around stars with ≥ 3 M ⊙ (see Fig. 13 ). Only brown-dwarf-mass companions had been found around such stars. The mass of 3 M ⊙ corresponds to that for late-B to early-A type stars on the main sequence, which are normally rapid rotators with projected rotational velocity v sin i > ∼ 100 km s −1 and are also pulsating stars. It is thus quite difficult to find planets around them by Doppler methods. On the other hand, their evolved counter parts, GK giants, show RV jitter of ∼ 7 m s −1 at most. Our discovery clearly shows that GK giants are suitable targets to access planets around such intermediate-mass stars.
o CrB b (m 2 sin i = 1.5 M J , a = 0.83 AU) is one of the least massive planets ever discovered around clump giants, along with HD 100655 b (m 2 sin i = 1.7 M J , a = 0.76 AU; Omiya et al. 2011; see Fig. 13) . It is generally more difficult to detect such less massive planets around clump giants because of their larger stellar jitters compared with those of solar-type dwarfs and subgiants. o CrB shows RV semiamplitude of 32 m s −1 , which is only twice of the RMS value of the jitter. Our discovery shows that we can detect such less massive planets even around clump giants if we collect a large number of data points.
ν Oph hosts two brown-dwarf-mass companions, ν Oph b (m 2 sin i = 24 M J ) and ν Oph c (m 2 sin i = 27 M J ). The ratio of the orbital period is close to 1:6 (530 d and 3186 d, respectively), suggesting that they are in MMR. Two such two-brown-dwarf systems have been previously reported: one is a possible 3:2 MMR system around the clump giant BD+20 2457 (Niedzielski et al. 2009a ) and the other is around a solar-type star HD 168443 (Marcy et al. 2001) . Several scenarios are proposed for the formation of brown-dwarf-mass companions; gravitational collapse in protostellar clouds like stellar binary systems (Bonnell & Bastien 1992; Bate 2000) and gravitational instability in cicumstellar disks (Boss 2000; Rice et al. 2003) . Even core-accretion scenario could form such super-massive companions with > ∼ 10M J on a certain truncation condition for gas accretion (Ida & Lin 2004; Alibert et al. 2005; Mordasini et al. 2007 ). The existence of such two-companions in MMR suggests that they are formed in circumstellar disks by either gravitational instability or core-accretion, and then experience orbital migration. Detailed analysis of orbital stability for the system will be presented in a separate paper. Figure 14 shows the semimajor-axis distribution of planets detected by RV method. It has been pointed out that almost no planets with a ≤ 0.6 AU have been found around stars with masses 1.5-3 M ⊙ , and possible lack of planetary mass companions within 3 AU around ∼ 3 M ⊙ was also pointed out (Omiya et al. 2009 ). o UMa b basically follows this trend; planets tend to stay at outer orbits as stellar mass increases. The semimajor axis distribution should be determined by the balance between some factors such as lifetime of a protoplanetary disk, efficiency of planet formation, and efficiency of orbital migration. From the numerical simulation by Currie (2009) , the lack of inner planets around intermediate-mass stars (hereafter planet desert) can be reproduced if gas in a disk around intermediate-mass stars dissipates more quickly than around lower mass stars, and then planets can not migrate inward before the gas dissipation. In the case of ∼ 3 M ⊙ stars, however, the existence or absense of the planet desert seems more sensitive to the above factors compared with ∼ 2 M ⊙ stars; planets can form and migrate before the gas dissipation around ∼ 3 M ⊙ stars depending on assumed lifetime of the disk. It is easier to explore inner planets around ∼ 3 M ⊙ giants rather than around less massive ones because ∼ 3 M ⊙ giants do not expand so largely at the tip of RGB. Then we need not consider planet engulfment by central stars except for very short-period ones, while planets within 0.4-1 AU around ∼ 2 M ⊙ giants could have been engulfed during RGB phase of the central stars (Kunitomo et al. 2011) . Planet searches around ∼ 3 M ⊙ giants are thus highly encouraged.
Less massive planets ( < ∼ 2M J ) around clump giants, such as o CrB b, should also be explored more intensively. Bowler et al. (2010) statistically showed that relatively higher-mass ( > ∼ 2M J ) planets tend to exist around intermediate-mass subgiants and excluded the same planet-mass distribution as that for solar-type stars. To push the detection limit from the current K 1 ∼ 40 m s
will allow us to directly compare the mass distribution of jovian planets for a wide range of host star's mass (see Fig. 13 ) . We are now trying to do this by high cadence observations for a part of the sample of Okayama Planet Search Program. The results will be presented in a forthcoming paper. (Figure 1 ), the star should be better classified as a less evolved subgiant. Note -All of the values and uncertainties for atmospheric and physical parameters of the stars in this table are quoted by Takeda et al. (2008) . The uncertainties of [Fe/H], T eff , log g, and v t , are internal statistical errors and values in the parenthesis for stellar radius and mass correspond to the range of the values assuming more realistic uncertainties in ∆ log L corresponding to parallax errors in the Hipparcos catalog, ∆ log T eff of ±0.01 dex (∼ ±100 K), and ∆[Fe/H] of ±0.1 dex. The resulting mass value may also appreciably depend on the chosen set of theoretical evolutionary tracks (e.g., the systematic difference as large as ∼ 0.5M ⊙ for the case of metal-poor tracks between Lejeune & Schaerer 2001 and Girardi et al. 2000 .; see also footnote 3 in Sato et al. 2008a) . Please see the section 3.2 and footnote 8 of Takeda et al. (2008) for the details of the procedure. [Vol. , 
